An unambiguous link between star forming taking place within cold and dark molecular cloud cores and the initial core conditions is still missing. Therefore we investigate the collapse of low-mass prestellar cores and the formation and early evolution of protostellar disks using three-dimensional SPH simulations. We use slightly supercritical Bonnor-Ebert spheres in rigid rotation with different total angular momenta to setup the initial conditions. We find that protostellar disks forming from low angular momentum cores are moderately sized (<100-200AU), concentrated and warm (T > 100K). They are stable against local gravitational instabilities, e.g. fragmentation. Heating by gas infall onto the disk and accretion onto the central object plays a major role in stabilising the disk. On the other hand, more rapidly rotating cores form more extended disks (500-1000AU), which are less concentrated and cooler. They show extended spiral arm structures and are undergoing fragmentation. From the simulations we determine the critical amount of angular momentum that defines the transition of a core collapsing to form a stable or a fragmenting disk, which can form a multiple stellar system. From these results we determine an analytical criterion, which links the initial core properties and the fragmentation properties of the forming protostellar disks. This criterion allows us to predict the outcomes of star formation from individual prestellar cores, given that their masses, sizes and ratios of rotational to gravitational energy β is known. We finally apply the criterion to observed core samples which fulfill these requirements and compare the expected frequency of multiple stellar systems to observations. We find the predicted multiplicity rates to be in well agreement with observed young stellar systems.
INTRODUCTION
Stars form from the gravitational collapse of dense molecular cloud cores (MCCs). The radial gravitational collapse of an initially spherical prestellar core is hindered by the non-negligible amount of its angular momentum (Goodman et al. 1993; Barranco & Goodman 1998; . According to the simple standard picture of low-mass star formation, angular momentum is conserved during the collapse phase. This may lead to either the formation of a more or less massive protostellar disk, and/or to fragmentation into a binary or a multiple stellar system. Protostellar disks might have very different properties (e.g. masses and shapses) than the common protoplanetary disks, which set the stage ⋆ E-mail: swalch@usm.uni-muenchen.de,Stefanie.Walch@astro.cf.ac.uk for planet formation, are frequently found around young T Tauri and Herbig Ae/Be stars (Caramazza et al. 2008; Alcalá et al. 2008 , and references therein), and typically have a small mass (<10% of the mass of the parental star, e.g. Alonso-Albi et al. 2008; Andrews & Williams 2005) . Like the newly born protostar(s) the formation of these disks is hidden within an optically thick protostellar envelope. Understanding the formation and evolution of protostellar disks is hence an important ingredient for linking the initial conditions within prestellar cores to the final outcome of the core collapse and star formation process.
In this paper, we model the self-induced collapse of rigidly rotating Bonnor-Ebert spheres (BESs) (Ebert 1955; Bonnor 1956 ) with the 3D OpenMP-parallel Smoothed Particle Hydrodynamics (SPH) code VINE ; Nelson et al. 2008) . We study the effect of gas thermodynamics and rotation on the fate of the formed protostellar disks. For this purpose we analyse a sample of cores, all with the same mass and density distribution, but with varying total specific angular momenta. We only study protostellar disk formation from rigidly rotating cores. A similar analysis of collapsing mildly turbulent cores will be discussed in the next paper of this series (Walch et al., in prep.) . Within the past decades many authors have investigated the collapse and fragmentation of molecular cloud cores in numerical studies (for a summary see Goodwin et al. 2006) . For example Burkert & Bodenheimer (1993) examined the evolution of spheres with a constant density profile. Like other authors (Miyama et al. 1984 ) they found the cloud behaviour to depend on two critical parameters, namely the ratio of thermal to gravitational energy α, as well as the ratio of rotational to gravitational energy β (e.g. Miyama et al. (1984) found αβ < 0.12 to be the general criterion for fragmentation). Truelove et al. (1997 Truelove et al. ( , 1998 , Bate & Burkert (1997) , and Boss et al. (2000) demonstrated that earlier simulations utilising either grid-based schemes or the SPH technique, respectively, were frequently affected by numerical fragmentation due to insufficient resolution. Nevertheless, they confirmed that binary formation is likely for cores with a constant initial density profile. However, centrally condensed clouds appeared to be more stable against fragmentation than cores with a uniform density throughout (Lynden-Bell 1964; Boss 1993; Burkert & Bodenheimer 1996) . For a review see .
Recent observations of prestellar cores have pointed towards a centrally condensed core structure (Evans et al. 2001) . The density profile of many clouds is particularly well described by the so-called Bonnor-Ebert profile (Alves et al. 2001; André et al. 2004) , the equilibrium solution of an isothermal cloud. The collapse of rigidly (or differentially) rotating Bonnor-Ebert spheres has so far been investigated with grid techniques (Matsumoto & Hanawa 2003; Banerjee et al. 2004 ). Matsumoto & Hanawa (2003) performed an extensive parameter study of the collapse of 3M⊙ spheres rotating at different speeds and with bar mode perturbations of different strength. Adopting a barotropic equation of state, they studied the fragmentation properties of the collapsing cores and identified Ωcτ ff as the decisive parameter for the formation of either a bar, a ring or a binary system, where bars and rings undergo subsequent fragmentation. In their setup Ωc denotes the initial central rotation rate and τ ff is the freefall-time, as calculated for the central density of the cloud. Critical values of Ωcτ ff are equivalent to critical combinations of α and β (see above). For Ωcτ ff > 0.05 two or more fragments were formed within relatively small (up to 100AU in radius) and thin (only a few AU in thickness) protostellar disks. They used a 3D nested grid technique with a resolution of 1AU at the finest level (around the cloud center). The disk itself was not as well resolved. In order to save computational cost, they employed mirror symmetry with respect to the z=0 plane. In addition, the initial grid was not uniform in all three spatial directions, but is four times coarser in vertical (z-)direction than in x and y. This is in conflict with recent results of Nelson (2006) , who has shown that resolving the vertical structure of a self-gravitating disk is crucial for a proper study of fragmentation. In 2004, Banerjee et al. followed the collapse of one small (2.1M⊙) and one cluster-forming (168M⊙) BES, utilizing the 3D AMR code FLASH. Like Burkert & Bodenheimer (1993) , all setups adopted a 10% m=2 perturbation in the initial density profile. They showed only one low-mass core collapse with Ωcτ ff = 0.2. This system evolves into a bar, which might eventually undergo subsequent fragmentation. Interestingly, also the high-mass core did not break up into many individual protostellar objects. Instead of a barotropic equation of state (EOS), which employs a sudden switch in the adiabatic index to mimic the transition of isothermal to adiabatic gas at high densities (ρ > 10 −14...−13 g cm −3 ), they included a more realistic cooling prescription. We also follow this ansatz and include a parametrisation of radiative cooling by the most abundant molecules as modeled by Neufeld et al. (1995) . With this prescription the effective EOS becomes a complex function of temperature and density. Fragmentation is highly sensitive to the gas thermodynamics (Truelove et al. 1997; . Boss (2002) was the first to demonstrate that different descriptions of the gas thermodynamics lead to different fragmentation properties of self-gravitating, cicumstellar disks. He compared results obtained with a purely isothermal EOS, an adiabatic EOS, and the Eddington approximation of radiative transfer. Disks, which were evolved with a purely adiabatic EOS were stable against fragmentation, whereas fragments formed in both other cases, with the Eddington approximation giving intermediate results. He also identified vertical convection to be more efficient in cooling the gas than radiative diffusion. However, parameter studies of fully 3-dimensional simulations with radiation transport have not yet been achieved as they are still too CPU time consuming. Only Krumholz et al. (2007) performed 3D AMR simulations of a massive collapsing core (100 − 200M⊙) with radiative transfer. They resolved the collapse on scales of 10AU and found the forming protostellar disks to be rather stable against fragmentation due to radiative feedback from the central star. Recently, Burkert & Alves (2008) showed that the stable Bok globule B68 is triggered into collapse by a collision with a small clump. Collision triggered collapse and fragmentation might be important and will be studied in a subsequent paper.
In this paper we approximate a realistic cooling prescription by combining radiative cooling in the optically thin regime with an adiabatic EOS. Due to the SPH technique, we resolve the collapse on scales of 2AU within the whole computational domain. Therefore our core collapse simulations feature unprecedented resolution within the whole disk region. We can therefore focus on analysing the structure and characteristics of the forming protostellar disks in detail. In the following, we discuss the differences in the disk properties in dependence on the initial properties of the parental cores. In section 2, we introduce the cloud core model. The numerical method will be described in section 3. In section 4 and 4.3, we will closely follow the evolution of two protostellar disk systems until a significant amount of mass has collapsed. We discuss the influence of the cooling prescription and rotation on the protostellar disk structure.
In section 5 disk mass evolution and accretion rates of two simulations are compared in detail. In section 5.2, the results obtained from the whole sample of simulated cores are discussed. For instance, we analyse the disk structure, mass of the central object and mass accretion rates as well as the disk fragmentation properties as a function of initial core rotation. Moreover, from our numerical calculations we determine an analytical criterion, which allows us to predict the fragmentation properties of individual prestellar cores. In section 6 this criterion is deduced and applied to recent observations of molecular cloud cores. Conclusions are drawn in section 7.
INITIAL CONDITIONS
Recent observational surveys of pre-and protostellar cores like SCUBA (Holland et al. 1999 ) and Spitzer c2d (Evans et al. 2001 ) enable us to bracket the conditions of low-mass star formation. Observations provide us with information on column densities (N(H2)) and line widths of typical cores, both of which are among the key parameters in determining their evolutionary stage (Brinch et al. 2008) . We utilise this information to produce realistic initial conditions.
The density profile: Bonnor-Ebert spheres
By modeling column density profiles, MCCs usually turn out to have radial density profiles consistent with ρ(r) ∝ r −p with p ≈ 1.5 − 2 for 4000AU r 20000AU ∝ 0.1pc. However, they appear to have a flattened distribution in the central core region (e.g. Hogerheijde & Sandell 2000; . Often, isolated cores are characterized by sharp outer edges at r ∝ 0.1pc, which implies pressure confinement of these objects within a hotter, but low-density medium. Assuming that the dust temperature within each prestellar core is constant (Ward-Thompson et al. 1999) , all core features are well matched by modeling their radial density profile with socalled Bonnor-Ebert spheres (BESs). In general, BESs provide the best fits to the structure of isolated prestellar cores (see e.g. Alves et al. 2001; Hennebelle et al. 2003) . A BES is the equilibrium solution of a self-gravitating isothermal sphere confined within a hot ambient medium with pressure equal to the sphere's boundary pressure. Hence the multi-phase nature of the interstellar medium (ISM) is essential for this initial condition. The BES solution is formally obtained by solving the dimensionless form of the Lane-Emden equation:
with mixed boundary conditions:
Here ρ0 denotes the central core density and R0 its characteristic radius. Note that, up to an integration constant, Φ resembles the gravitational potential of the cloud. In general, a BES is uniquely described by specifying its central density (e.g. ρ0 = 10 −18 g cm −3 ), its temperature (here T=20K) and its cut-off radius Rcut = ζcut · R0. It should also be noted, that spheres with ζcut = ζcrit = 6.451 are marginally stable. The ones with ζcut > ζcrit are unstable against spherically symmetric density perturbations and will eventually collapse. Those with ζcut < ζcrit are found to be stable. We choose a slightly supercritical sphere (ζcut = 6.9 or Rcut = 6.9 · R0 ≈ 0.08pc , respectively) and add a 10% density enhancement in order to ensure collapse despite additional rotation. It follows that the total mass enclosed within Rc is approximately 6M⊙ in our standard setup. With these parameters we estimate the central free-fall time as well as the sound crossing time of the system to be
where cs is the initial isothermal sound speed.
Velocities
In this study we only consider spheres in initially rigid rotation. Therefore, just the azimuthal velocity is nonzero, and is calculated according to
where r is the radial component in cylindrical coordinates and Ω0 is the initial rotational frequency. In our sample we effectively only vary Ω0.
Prestellar cores are known to have fairly narrow, hence thermal, line widths (Barranco & Goodman 1998; Belloche et al. 2001; André et al. 2007 ). Unlike the conditions on molecular cloud scales, the absence of a more pronounced line-broadening on core scales indicates that rotation is at most as important in supporting the core against its own self-gravity as its internal thermal pressure. Gas velocities inside the molecular cloud cores are hence at very low Mach numbers (up to transonic or Mach 1). The choice of Ω0 is therefore limited by two criteria. On the one hand, the total amount of specific angular momentum j in a lowmass MCC is typically of the order of log 10 (j[cm 2 s −1 ]) ≈ 21 (Goodman et al. 1993 ) for a core of comparable size and mass as the ones in our sample. On the other hand, the typical speed of sound implies an upper limit for the rotational gas velocities within the core. With an isothermal sound speed of 0.29 km/s and a core size of 0.083pc, Ω0 cannot exceed about 1.2 · 10 −13 s −1 for vΦ to remain within the subsonic regime. This corresponds to a ratio of rotational to gravitational energy of 10%. Nevertheless, in order to further explore the parameter space, we do include some simulations which show initial supersonic rotation in the outer parts of the core (see Table 2 .3: For Ω0 = 2 · 10 −13 s −1 rotation is supersonic beyond a cylindrical radius of about 9600AU or 0.047pc, respectively).
Core sample
All cores have a total mass of M0 = 6M⊙. Their radial density profile follows a BES with a central density of ρ0 = 10 −18 g cm −3 . The initial temperature is 20K. The cutoff radius is 0.083pc, which corresponds to a dimensionless radius of ζcut = 6.9 (see 2.1).
Following previous studies (e.g. Matsumoto & Hanawa 2003) , we parameterise our setups according to the energy budget of each simulation. We define the ratio of thermal to gravitational energy α to be the same for all cores:
Here cs denotes the isothermal sound speed and G is the gravitational constant. Instead, we vary Ω0 and, as a result, the ratio of rotational to gravitational energy β is varied throughout our sample. We introduce two definitions for β:
The standard definition, which only includes the total mass of the sphere, but which does not incorporate information on the mass distribution (respectively the central condensation of the core), is given by:
For a Bonnor-Ebert-like mass distribution, a more exact formulation of the importance of rotational velocities is given by (e.g. Banerjee et al. 2004) :
Φ is the total gravitational potential of the BES and Φc is the potential at the critical radius of the sphere (at ζcrit = 6.451). The integrated dimensionless mass factor qc = ζ 2 crit Φ ′ c was introduced by McLaughlin & Pudritz (1996) , and is proportional to the gravitational acceleration Φ ′ c at the critical radius.
In Table 2 .3 we list both, βconst and βBES, in order to illustrate the influence of central condensation on the energy budget. On average βBES is a factor of 5 smaller than βconst -a rather non-negligible factor. In the following we will still refer to βconst as the standard β, because observational estimates of β are based on this prescription.
NUMERICAL METHOD
The simulations have been carried out with the OpenMP parallel Tree-SPH and N-body code VINE Nelson et al. 2008) . For previous applications of VINE see also Naab et al. (2006) and Gritschneder et al. (2008) . Time integration in 3D is performed utilising a Leapfrog integrator, which allows for individual particle time steps. We limit every individual timestep by a combined criterion as published in Wetzstein et al. (2008) . It is set by the change in acceleration and velocity of the particle, the maximum allowed change of a particle's smoothing length, and the hydrodynamical CFL condition. Furthermore, to determine the tree accuracy for the gravitational force calculation, we use the tree opening angle criterion of Springel et al. (2001) with θ = 5 · 10 −3 . Concerning the boundary conditions, we distinguish between gravitational and hydrodynamical forces. Gravity succumbs to open boundaries, whereas we apply periodic boundary conditions to all hydrodynamical terms. This allows us to study the collapse of isolated but pressure-confined molecular cloud cores, i.e. BESs. Following Bate & Burkert (1997) , SPH smoothing kernel and gravitational softening length are equal for every particle, and are therefore always changed by the same amount when employing a variable and time-varying smoothing length, following Benz (1990) . In this prescription, the number of neighbours of each SPH particle is on average 50, but ranges between 30 and 70. We tested different implementations of the SPH artificial viscosity (AV), adopting the standard one (following Gingold & Monaghan 1983) and including the modifications of Balsara & Norman (1990) and Balsara (1995) with the standard AV parameters for bulk (α = 1) and shear (β = 2) terms. In addition we tested disk formation against the influence of constant versus a time-varying (Morris & Monaghan 1997) realisation of the AV α and β parameter. As the disk properties are not significantly altered for different AVs in case of rigid rotation, we will only show results obtained with the Balsara implementation.
Equation of state and molecular line cooling
For the equation of state (EOS), we decided on using an ideal gas EOS:
with an adiabatic index γ = 1.4, throughout the whole simulation. Here, P denotes the gas pressure, ρ the density and cs the local sound speed:
kB is the Boltzmann constant, mp the mass of a proton, µ the mean molecular weight, which we assume to be 2 since molecular hydrogen is the most abundant molecule, and T is the local temperature of the gas. This EOS corresponds to purely adiabatic molecular hydrogen (e.g. Bate 1998) . However, at low densities (ρ ρcrit = 10 −13 g cm −3 ), the collapse usually proceeds in an isothermal fashion. In this regime the cooling time scale is short compared to the freefall or dynamical time scale. Unlike various other authors (Goodwin et al. 2004; Bate 1998; Matsumoto & Hanawa 2003) , who introduced variations in the EOS, we account for radiative cooling due to optically thin molecular lines, excited by collisions. The cooling rate coefficient, which was provided by Neufeld et al. (1995) , is a function of three parameters: volume density 10 3 n(H2) 10 10 cm −3 , temperature (10 T 2500K) and the optical depth parameter N (M ). The optical depth parameter is defined asÑ (M ) = gn(M ) dvz /dz (see Neufeld et al. 1995, Eq.1) , where dvz/dz is the local velocity gradient and g is a dimensionless geometric factor. n(M ) is the density. Since BES have a density profile close to ρ(R) ∝ R −2 over a large range of radii, we employ the provided optical depth parameter for a singular isothermal sphere: Table 1 . We list the various initial rotational frequencies Ω 0 and resulting specific angular momenta J/M. β const gives the ratio of rotational to gravitational energy according to Eq. 8, β BES the one calculated from Eq. 9 respectively. Observations indicate 2 · 10 −3 < β < 1.4 (following Goodman et al. 1993) or below (see Caselli et al. 2002) . We therefore cover a wide range of observed β's. Furthermore, t 0 is the time at which a dense protostellar object starts to form, and at t final 28% of the total core mass has collapsed into the disk. For Run 0 t final is missing, as the simulation is too time consuming to run up to this stage. In this paper we only discuss runs with the Balsara implementation of the SPH artificial viscosity (see section 3), which we found to give the best results. The number of particles and the minimum smoothing length are constant throughout this sample.
been assumed. More elaborate effects like CO freeze-out have been neglected. This prescription captures at least part of the thermodynamics of the system. Compared to the usually adopted polytropic EOS, it definitely provides a more realistic physical estimate of the temperature structure around the dense parts of the evolving system. In Fig.1 , we show the adopted cooling rates as a function of density. At lower temperatures cooling becomes overall less efficient and the position of the maximum cooling rate is shifted to lower densities. Molecular line cooling is applicable as long as the gas density does not exceed the critical value ρcrit,0 = 10 −13 g cm −3 , above which the gas becomes optically thick at all wavelengths. For ρ < ρcrit,0, the gas is partly optically thin, mostly at sub-mm to mm wavelengths. The characteristics of the cooling function already gain importance once the density rises above ρcrit,1 ≈ 3 · 10 −16 g cm −3 . This can be shown by comparing cooling and free-fall time scales, which become comparable at roughly this density. In addition, the gas is not allowed to cool below a minimum temperature of 9K. Concerning the SPH implementation of molecular line cooling, the tabulated cooling rates are interpolated linearly in temperature and density phase space to match a particle's current SPH density and internal energy (Particle i has ρi and ui). We then calculate the change of a particle's internal energy du i,cool dt due to this cooling rate. This additional change in internal energy is considered after the internal energy of a particle has been calculated via the standard equation of state (see Eq. 10). In a subsequent step ui is then reduced by
Here △t n i is the individual particle time step of particle i, used to advance the current calculation time t n i to t n+1 i (For more details on the internal energy calculation in VINE see Wetzstein et al. (2008) ).
Resolution
We use 430000 'core' SPH particles in all simulations. Since the cores are confined in a hot, but low-density ambient medium, we add a little over 24000 hot 'boundary' SPH particles, which are not allowed to cool. These particles are Figure 1 . Cooling rate as a function of density for different temperatures following Neufeld et al. (1995) . Cooling in molecular cloud cores is only efficient up to ρ crit,0 = 10 −13 g cm −3 . Beyond this density the gas is assumed to become optically thick at all wavelengths and molecular line cooling is shut off.
used to confine the BES by exerting an external pressure Pext which is equal to the sphere's pressure at ζcut. Each SPH particle has a mass of 1.405 · 10 −5 M⊙, resulting in a total core mass of ≈ 6M⊙. Following Bate & Burkert (1997) , the resolvable mass is 2N neigh · mpart = 1.405 · 10 −3 M⊙. Therefore, for a minimum temperature of 9K, the minimum Jeans mass limiting the SPH resolution within the partially isothermal regime (ρ < ρcrit,0) is 1.51 · 10 −3 M⊙ is always resolved. With the employed EOS, sufficient resolution is even guaranteed up to a density of 10 −5 g cm −3 . We do not use sink particles in any simulation. Instead, we introduce a minimum smoothing length hmin in order to limit CPU time consumption. We choose hmin =2AU in order to resolve typical disk scales (this includes the radial and the vertical extent), but neglect details of the central object formation. All the details on scales below 2AU are smoothed out, effectively limiting the resolution. In order to limit numerical errors due to the integration, we chose a small value for the CFL tolerance criterion in all presented simulations (CFL parameter = 0.1).
RESULTS ON PROTOSTELLAR DISK FORMATION
In this section we show the typical evolution of a collapsing cloud, which is in rigid rotation. We distinguish between two main collapse phases: The initial isothermal collapse phase will be called Phase I. In Phase I the collapse roughly proceeds on a free-fall time scale because radiative cooling is efficient and the gas behaves isothermally. The maximum density ρmax within the core stays below ρ⋆ = 10 −11 g cm −3
in this phase. We define the central object mass or the 'stellar mass' as all the mass at densities greater than ρ⋆. Phase I ends as soon as a dense central object, a protostar, is formed. In Phase II, ρmax > ρ⋆. Protostellar object as well as protostellar disk have formed and are further evolving. We refer to Phase II as the protostellar phase. We define t0 to be the time at which the maximum density exceeds ρ⋆ and Phase II begins. The systematic differences in t0 (see Table  2 .3) are caused by the different initial core rotation rates. In slowly spinning cores (e.g. Run 1) a protostar is formed more quickly than in rapidly spinning cores (e.g. Run 7). In addition, we define t final to be the time at which 28% (about 1.7M⊙) of the total core mass has collapsed into the disk, when considering disk densities of 10 −16 g cm −3 and above. A collapse fraction of 28% is motivated by the approximated average star formation efficiency of dense molecular cloud cores derived from observations (e.g. Motte et al. 1998; Alves et al. 2007) . Even though we evolve many simulations for a longer time (until tstop) a characteristic disk structure has already established at t final . Therefore all simulations are compared at t final . We choose various density thresholds to define the protostellar disk. The lowest threshold is 10 −16 g cm −3 . We find this density component to show significant flattening. It can therefore be used to define the protostellar disk. Isosurfaces of even lower densities are not suitable to define the disk, as these components clearly contain core material. The highest density threshold is 10 −13 g cm −3 . This disk component is completely adiabatic as molecular line cooling is inefficient at these densities. Two corresponding radii are defined: R13 is the radius at which the cylindrically averaged disk density is equal to 10 −13 g cm −3 and R16 the radius at which ρ(R) = 10 −16 g cm −3 , respectively. Thus, R13 is the radius of the very dense inner disk component, whereas R16 is the outer disk radius. In addition we define R half , the cylindrical radius which encloses 50% of the total disk mass, M16, which is the mass within the density range of ρ⋆ > ρ > 10 −16 g cm −3 ). In the following we will discuss the differences in disk structure and evolution in case of low and high angular momentum.
Phase I: Isothermal collapse
Initially, the BES density profile has a flattened core region surrounded by an 1/R 2 -envelope (see Fig. 2 , lowest curve). The collapse of a super-critical BES is initiated at the outer Figure 2 . Radial density profile of Run 1 at different times in the purely isothermal regime. As soon as the collapse has commenced, the initial hydrostatic equilibrium profile (bottom line) is altered to resemble a flat core region enclosed in an R −2 -envelope. The dotted line illustrates a perfect slope of −2. From bottom to top the output times are 0yr and 4.1 · 10 4 yr to 9.1 · 10 4 yr in steps of 10,000yr.
edge of the sphere and proceeds in a self-similar way, leading to an increase in central density while the flattened inner core region is shrinking and the R −2 -envelope is augmented. The collapse wave, which forms the edge of the flattened central region, is accelerated towards the center and precedes the free-falling envelope material. Fig.2 shows the evolution of the sphere's radial density profile within the first 9.1 · 10 4 years for Run 1. All important parameters defining Run 1 can be found in Table 2 .3. The radial density profile has been calculated by averaging the density of SPH particles found at a spherical radius R from the core center at (0,0,0). Every point of the curve is an average over 100 SPH particles, which are adjacent to each other when sorted by spherical radius. Note that the collapse problem is approximately spherically symmetric in Phase I because centrifugal forces are small (τrot ≫ τ ff ). Even for the highest rotational frequency of our sample (2 · 10 −13 s −1 ) the orbital timescale τrot ≈ 1.6 · 10 5 yr is a factor of 2 longer than the freefall timescale τ ff (see Eq.5). For this reason the spherically averaged density shown in Fig. 2 depicts the correct density profile in any radial direction from the core center in Phase I. As long as the cooling time scale is short compared to the local free-fall time (τ cool /τ ff ≪ 1) the gas behaves isothermally. Once the density exceeds ρcrit,1 = 3 · 10 −16 g cm
cooling starts to become less efficient and the purely isothermal stage ends. Phase I covers the whole isothermal collapse phase and the initial phases of protostellar disk formation. After 9.1 · 10 4 years the flat central region in Run 1 has a radius of about 150AU, enclosing a mass of 0.06M⊙.
Phase II: Protostellar phase -The low angular momentum case
After t0 = 9.1 · 10 4 yr a dense and thus adiabatic central object with ρ > 10 −11 g cm −3 is forming in Run 1. We refer to this dense central clump as central object, (proto-)star or young stellar object. In addition, the formation of We show an evolutionary sequence of surface density and velocity arrows within the inner 400AU of the parental molecular cloud core. From inside out, the overlaid isocontours correspond to 1, 0.3 and 0.1g cm −2 . The output times are t 0 − 1.9kyr (upper plot), t 0 + 6.2kyr (middle) and t 0 + 18.2kyr (lower plot). A velocity arrow whose length corresponds to 1 km/s is shown for reference. a protostellar disk is initiated, as the specific angular momentum of the infalling material is roughly conserved and now becomes important. Close to the center the local freefall time becomes very short. The actual formation of star and disk happens within a few times 10 3 − 10 4 yr. The short timescales cause the simulations to become very CPU time consuming. In Fig. 3 we show the disk surface density evolution in three snapshots taken at t0 − 1.9kyr, t0 + 6.2kyr, and t0 + 18.2kyr. The surface density was obtained by projecting and binning all SPH particles found within a slice of thickness 100AU to a 64 2 grid via the cloud-in-cell method (Hockney & Eastwood 1988) .
In Fig.4 we show the evolution of the mass-weighted, radial density profile in Phase II. Again, we calculate the density profile by averaging the SPH particle densities for 100 adjacent particles in spherical radius. As the collapse proceeds more and more particles assemble close to the x-y plane forming a disk-like inner envelope around the center, whereas regions above and below the disk plane are depleted of SPH particles (see also Fig. 3 ). Therefore, within the inner region, where most of the SPH particles which are found within a certain spherical radius belong to the disk, the density profile shows the disk structure. At larger radii particles from the outer parental core dominate the density profile and ρ ∝ R −2 . 20,000 years after the central star has begun to form, the protostellar disk (PSD) extends out to about 150AU and is slowly but continuously growing in size. It is a matter of choice whether to define the outer disk radius to be the radius at which ρ > 10 −13 g cm −3 or ρ > 10 −16 g cm −3 , since -in Run 1 -we find the outer edge to be rather sharp (see Fig. 4 ). At radii smaller than 10AU the density profile appears to be flat as we do not properly resolve densities greater than 10 −10 g cm −3 . When studying the geometry of the central object in more detail, we find that it has the shape of a nuclear disk rather than a spheroidal or spherical shape. Within the surrounding disk region (10AU -150AU) the density profile is well described by a powerlaw with slope of -2.5. With the employed cooling function (see section 3.1) cooling becomes less and less efficient above a density of 10
, that is within the disk region. Therefore part of the released potential energy of the infalling gas is transferred into heat and cannot be radiated away immediately. Radial density profile at different times in the nonisothermal stage. The given output times are relative to the time of first core or central object formation t 0 . Therefore, at t 0 , a central density enhancement has formed, which slowly evolves and further grows in density as time goes on. In addition, a second dense, but more extended component is forming: The circumstellar disk.
For this reason the collapse of the disk to become vertically thin is hindered due to an increase in thermal pressure. The central object as well as parts of the disk where ρ > ρcrit,0 = 10 −13 g cm −3 evolve adiabatically and heat up. Within the central object further contraction can only proceed on a Kelvin-Helmholtz time scale. The adiabatic component of the disk is preferentially confined to the disk midplane within a radius of about 100AU. This dense and optically thick part of the disk is significantly heated by the release of potential energy via gas infall onto the disk and accretion within the disk. But also the outer disk regions are partially heated, as envelope material is raining down with highly supersonic speed and is decelerated and shocked at the disk surface and outer edge (see Fig.5 ). After t = t0 + 8kyr, shock heating results in a local temperature spike located at the outer disk radius. A powerlaw temperature profile (T ∝ R −0.6 ) is quickly established within the disk region and remains as the disk is evolving. This powerlaw index is in between the scaling expected for a thin, non-selfgravitating α-disk (T ∝ R −3/4 ; Shakura & Syunyaev 1973) and the scaling obtained by fitting observed protoplanetary disks (PPDs: observable circumstellar disks around a Class II stars). The midplane temperature profile of a PPD typically follows T ∝ R −1/2 (Dullemond et al. 2001 ). PPDs are not actively heated by gas infall, shocks or accretion, but by irradiation from the central star, whereas the α-disk is purely heated by viscous accretion. The simulations show that the temperature profile is not significantly altered in a thick, self-gravitating disk where accretion and viscous evolution is dominant. However, the vertical temperature gradient is reversed in the simulations as compared to passively heated PPDs, where the disk surface is hotter than the midplane. In our simulations, the disk midplane is hotter than the disk surface. This would lead to a 10 micron silicate feature in absorption rather than emission as observed in the spectral energy distribution (SED) of a typical PPD. We suggest that a disk in transition from the protostellar to the protoplanetary stage could be identified by a weak 10 micron feature, which is just between being absorption and emission dominated. Such a disk is expected to pass through a phase where internal heating due to accretion ceases and external heating due to irradiation is increasing with the luminosity of the central star. So far we do not cover this transition in our simulations, as it would also require to include radiation transport. Consistent with the accretion shock seen in the temperature profile, the radial velocity profile (vR(R) see Fig.6 ) exhibits maximum infall velocities of Mach 3-4 after t = t0 + 8.3kyr. The well-defined, characteristic shock profile in vR is quickly established after the central protostar began to form. From large to small radii, the absolute value of vR is at first increasing, reflecting the acceleration of gas towards the center of mass. Then the infalling gas is shocked and stopped abruptly once it hits the outer disk boundary. Within the disk region vR ≈ 0. The well-defined outer disk radius is caused by the regular way of gas infall.
Interestingly, the azimuthal velocity profile changes completely once a protostellar disk is forming. In Fig.7 we plot the rotational velocity component as a function of cylindrical radius. Initially vΦ ∝ r and this profile is only roughly maintained within the outer core region (r > 6000AU). At intermediate radii (150AU-6000AU) the vΦ-profile is reversed as more and more matter is falling in and approaches vΦ ∝ r −1 . Within the protostellar disk region (e.g. 5 < r < 150AU at t0+19.3kyr) the rotational velocity profile is more shallow but still slightly increasing with decreasing radius (r −1/4 ). with a maximum of vΦ ≈ 6km/s at 5AU. A flat rotation curve typically corresponds to differential rotation within the disk, and thus angular momentum transport due to shear viscosity can be expected. For comparison, the solid grey line enveloping the set of rotation curves in Fig.  7 shows vΦ as expected for a spherically symmetric rotating system in centrifugal equilibrium with a cumulative mass distribution M(<R): After the time of first central object formation, the shape of the radial velocity profile changes dramatically. Close to the outer edge of the formed flattened region, matter is falling in with highly supersonic speed, while v R is negligible within the central region. This fast deceleration leads to an accretion shock, which is heating the outer edge of the center (see also Fig.5 ).
Both, central object and disk mass at t = t0 + 19.3kyr, were considered to contribute to M(<R). Within the disk region, the difference between the characteristics of vΦ,ex and the actual disk rotation curve is insignificant, showing that the (vertically thick) disk seems to be close to centrifugal equilibrium. The dashed grey line corresponds to the Keplerian velocity profile expected for the central potential of a point mass with M⋆, the mass of the protostar at t0 + 19.3kyr. Despite giving vΦ of the right order of magnitude the Keplerian profile clearly does not provide a good fit. The disk is massive and self-gravity cannot be neglected. At very small radii (r < 5AU), the situation is reversed and vΦ ∝ r, which again corresponds to the rotation profile of a solid body (here plotting vΦ vs spherical rather than cylindrical radius does not make a difference).
As the original rotation profile is maintained within the inner 5AU, angular momentum has not been redistributed efficiently within and close to the central object, which has the form of a 'nuclear disk', rather than being spherically symmetric and round. From the lower panel of Fig. 7 , which shows the ratio of azimuthal velocity and local sound speed (or velocity dispersion in this case), we deduce that the center is also pressure supported. In summary, vΦ/cs shows that the disk is clearly supported by rotation with vΦ being increasingly dominant over cs at (r > 50AU) where cs ∝ (T ) ∝ r −0.3 is decreasing slightly faster than vΦ ∝ r −0.25 .
In Fig. 8 and Fig. 9 we finally discuss the vertical disk structure at t final = 114.8kyr at three different radii: R13, R16 and R half . In z direction the gravitational force is balanced by the non-negligible pressure force resulting from the stiffening of the equation of state at high densities. Therefore vertical hydrostatic equilibrium is established. ρ(z) rises steeply towards the disk midplane and exceeds ρcrit,0 = 10 −13 g cm −3 within z < 20AU for R half and within z < 10AU for R13. The gas within this region obeys a purely adiabatic equation of state and is heating up. The high temperature within the adiabatic region causes a strong pressure force, which hinders the dense gas to be further compressed. At intermediate height (10AU-20AU < z < 50AU-70AU), the density remains below ρcrit,0. Even though it is still high the gas is able to cool on a timescale comparable to the dynamical timescale (see also Fig. 24 ). In summary, at R half and R13 the vertical disk structure is twofold, with ρ following a steeper slope within the innermost region and a somewhat flatter one at z > 10AU − 20AU. ρ(z) can be well approximated by a sum of two sech 2 -functions:
(fits are the dotted lines in Fig. 8 ). An isothermal, selfgravitating disk in hydrostatic equilibrium is supposed to settle into a distribution, which is well described by a sech 2 -function (Spitzer 1942 ). In our case, a roughly constant temperature of 700K (for Run 1) only exists within the disk midplane (inner 5AU). This hot and dense component accounts for the first of two sech 2 -terms. The outer parts of the disk are well described by a second sech 2 -function, although the temperature is decreasing between 5AU< z < 50−70AU. The temperature variation is however only small compared to the variation in ρ(z), which spans several orders of magnitude. At the largest radius, R16, the maximum density remains below 10 −13 g cm −3 . Therefore the best fit at R16 is obtained with only one sech 2 -function. We find the following parameters for the three different radii:
, H1 = 65AU. We will refer to the second scale height H1 as the disk's pressure scale height, which is listed in Table 2 . When plotting H1/R we find the ratio of pressure scale height and radius to be roughly constant between 35 < R < 180AU. It should be noted that a constant ratio of H/R is not intrinsically expected for a self-gravitating disk. It is a rather surprising result found by fitting the vertical disk density profiles ρ(z) at different radii. The fitting of the vertical density profile will be discussed later in this section (see Fig. 9 ). H/R ≈ const implies a flaring disk structure, which is typically found for observed PPDs. In a PPD, the flaring results from irradiation and thus heating of the disk surface layer by the central star, which is however not included in our simulations. Here the disks are dynamically heated by accretion and shocks. Models of passively (not actively accreting), irradiated and thus flaring PPDs result in H/R ≈ 0.1...0.3, with a mean value of 0.18 (Dullemond et al. 2001) . These values are in agreement with our simulations, even though the source of the flaring structure is disparate in observation and simulation. We suggest that radiative heating of the disk by the central star is not necessary to explain a 'flaring' disk structure in early evolutionary phases of protostellar disks. Utilising a constant ratio of H/R, a radial density profile of ρ(R) ∝ R −2.5 results in a surface density profile of Σ = ρH ∝ R −1.5 . A powerlaw surface density distribution of that order is also found for PPDs. E.g. Dullemond et al. (2001) have determined the surface density profiles of PPDs by fitting their observed spectral energy distributions (SEDs). However, the SED of a protoplanetary disk is only weekly dependent on the actual surface density powerlaw, and the derivation of an unique powerlaw index is difficult.
Phase II: Prostellar phase -The high angular momentum case
For a core rotational frequency of Ω0 = 2 · 10 −13 s −1 we find that a flattened, dense, disk-like structure forms before the central density exceeds ρ⋆ = 10 −11 g cm −3 . Therefore we define a pure 'protostellar disk dominated phase', which lasts for about 15kyr and is terminated -by definition -as soon as ρ⋆ is exceeded at t0. Note that, in case of low core angular momentum (Run 1), ρ⋆ is exceeded before a protostellar Figure 8 . Vertical density distributions at R 13 , R 16 and R half at t final =115.4 kyr. We fit the density profile with a sum of two sech 2 -distributions, as usually applied for isothermal selfgravitating disks in hydrostatic equilibrium. Figure 9 . Ratio of disk pressure scale height to disk radius at t final =115.4 kyr. The pressure scale height H 1 as well as the scale height of the disk midplane H 0 were both obtained from fitting the vertical density profile with a sum of two sech 2 -distributions at every radius. H/R is roughly constant throughout the disk. At small radii ρ(z) is very steep and it is therefore difficult to obtain an unambiguous fit.
disk is formed. We show the radial density profile at different timesteps in Fig.11 , this time starting within the protostellar disk dominated phase at t0 − 12kyr. At t ≈ t0 − 12kyr the protostellar disk extends out to 200AU and keeps growing rapidly. Therefore, the disk radius is already very large (600-700AU) at t0. Within the protostellar disk dominated phase, the disk becomes massive enough to develop weak spiral arms (see Fig. 10 ), which grow and cause redistribution of angular momentum via gravitational torques. Gas is accreted towards the center and slowly the dense central object is growing in mass (see Fig. 17 ). In this scenario almost all of the stellar mass is accreted through the protostellar disk. After t0, we find the density profile between 100AU and 600AU to be well represented by a single powerlaw with a slope of -2. This is significantly flatter than in the case of Figure 10 . Surface density and velocities showing the evolution of Run 7 within the inner core region (−1000, +1000)AU after t 0 . Output times are t 0 + 11.8kyr, t 0 + 29.7kyr, t 0 + 33.7kyr, t 0 + 38.0kyr, and t 0 + 40.kyr. From inside out, the overlaid isocontours correspond to 1, 0.3 and 0.1g cm −2 . At t 0 + 33.7kyr a second dense fragment has formed (see zoomed middle plot), which will eventually merge with the central object after 142kyr (t 0 + 37.6kyr). Figure 11 . Radial density profile of Run 7. Due to the high amount of angular momentum, protostellar disk formation precedes the formation of the first core. Later the disk is growing and fragments (the outer disk radius is 1000AU). At the outer edge, the density distribution merges smoothly with the surrounding protostellar core distribution. There is no sharp outer edge as seen in Fig. 4 . The density enhancement at the outer edge at the last output time is caused by a forming dense fragment. Figure 12 . Temperature profile of Run 7. Most of the disk material stays cold (below ice evaporation temperature of ≈80K for R > 130AU) throughout the evolution and the profile roughly follows an R −1/2 powerlaw. In the last snapshot the profile is dominated by fragmentation, which causes the density and the temperature to rise and peak in a local maximum at 200AU.
slow rotation, where ρ(R) ∝ R −2.5 within the inner 200AU. The flattening in powerlaw is even more pronounced at 10 < R < 100AU. Here ρ ∝ R −1.5 provides the best fit. When studying the geometry of the central object (R < 10AU) in more detail, we again find that it has the shape of a nuclear disk. For rigidly rotating molecular cloud cores, all simulations result in central nuclear disks, but these become flatter with increasing core angular momentum. Even though SPH is thought to be rather dissipative, angular momentum cannot be transported efficiently enough to allow for the formation of a spheriodal, hydrostatic, central object, which is not rotationally but only pressure supported.
In summary, a more extended disk forms in this rapidly spinning molecular cloud core. A significant part of mass is at radii larger than 100-200AU. The gas is not distributed evenly in azimuthal direction. Due to the disk's self-gravity, extended spiral arms (corresponding to m=2 and/or m=3 perturbations) are forming naturally. The spiral arm structure leads to a stratification in the disk density distribution. High densities (ρ > 10 −14 g cm −3 ) are only reached within the spiral arms. Lower density regions surround the dense spiral arms, and for 10 −15 > ρ > 10 −16 g cm
form a cohesive disk. As enough mass is accumulated at larger radii where the temperature is moderately cold, the self-gravitating disk becomes Toomre unstable (see section 5.3) and the disk is fragmenting. E.g. after t0 + 30kyrs a dense fragment is quickly formed at 200AU. It is relatively massive initially (M fragment1 0.05M⊙) and it's central density exceeds ρcrit,0. At even larger radii (around 1000AU) the disk substructure is continuously changing. We see density enhancements forming and being sheared apart. Not all of the forming disk substructure evolves into a gravitationally bound fragment. The stiffer the EOS, the higher the minimum mass required to promote further gravitational contraction of a local density enhancement. Therefore a certain region, which could in principle evolve into a bound fragment has to accrete a sufficient amount of mass as it condenses. In the outer disk regions the mass supply is not sufficiently high to fullfil this criterion before t0 + 20kyr in this simulation. However, after t0 + 20kyr two bound fragments form within the outer disk (see Fig. 10 ). These accrete gas but at the same time also spiral inwards towards the central object. The two fragments are not massive initially and they accrete only slowly. Therefore their central densities do not exceed ρcrit,0 before the simulation has been stopped. For this reason it is unclear, whether they will survive, in which case the system would evolve into a multiple stellar system, or whether they will merge with the central object like the first fragment does after t0 + 142kyr. It has been shown that the formation and survival of fragments are both very sensitive to the gas thermodynamics as well as to numerical intricacies like the SPH artificial viscosity (see Commerçon et al. 2008) . A more detailed study of the system's further evolution is required, which will be presented in a future paper (Walch et al., in prep) . It should be noted that a circumfragmentary disk with a radial extend of 30-60AU forms around each of the fragments. Due to the fragment's self-gravity, gas which is close to the fragment is deflected and dragged towards it. Therefore, with respect to the fragment, the circumfragmentary disk is rotating in the same counter-clockwise direction as the big protostellar disk. Within the circumfragmentary disk, gas at intermediate radii (between fragment and central object) is counter-rotating with respect to the big disk and thus appears to be rotating more slowly, whereas rotation appears to be faster at radii larger than the fragment's position. Efficient angular momentum transport is caused by this effect. At intermediate radii angular momentum is lost efficiently, whereas at large radii angular momentum is gained and gas is moving outwards. Therefore circumfragmentary disks seem to play an important role in the redistribution of angular momentum within large protostellar disks.Circumfragmentary disks seem to play an important role in the redistribution of angular momentum within large protostellar disks. In Fig. 13 we show the individual disks around the three fragments formed in this simulation. In order to make the circumfragmentary disk visible, we seperately transformed the SPH particles into the system of inertia of each individual fragment. We conclude that cores with a high initial angular momentum form massive, large disks, which develop spiral arms. Gravitational torques are essential for the formation of a central star, as the central object acquires almost all of its mass through disk accretion. Therefore the formation of low-mass stars from low angular momentum cores is very different to the formation from high angular momentum cores. In the first case, low-mass stars mostly form via direct gravitational collapse, whereas in the latter case, they form through accretion.
Even though the density profile is more shallow in the case of rapid core rotation, the temperature profile in Run 7 has a similar slope as found in Run 1 (T (R) ∝ R −0.5 , see Fig.12 ). Only the scaling is different as the disk temperature in Run 7 is on average lower than in Run 1. The same applies to the radial velocity profile shown in Fig. 14 . Again, the disk region where vR is small compared to the infall velocity is more extended in Run 7 as compared to Run 1. However, within the disk vR varies slightly as matter is accreted through spiral arms. The maximum infall velocity at the edge of the disk is smaller than in Run 1 and reaches Mach 2 at t = t0 + 20kyr. After t = t0 + 31.9kyr vR is highly perturbed by the innermost fragment which is forming at R = 200AU. Clear signatures of this fragment are also found in Fig. 15 . The upper panel of Fig. 15 shows vΦ(R) in km/s, whereas the lower panel depicts the ratio of azimuthal velocity and local sound speed as a function of radius. Again, the disk is highly self-gravitating and the purely Keplerian profile, calculated from the mass of the central object at t = t0 + 31.9kyr only, does not provide a good fit to the present profile. The apparent transition of sub-to super 'keplerian' disk rotation at R ≈ 200AU and t = t0 + 31.9kyr is caused by the innermost fragment. The effective counter-rotation of circumfragmentary and main disk with respect to the central protostar causes the peaked signature in vΦ(R). In addition the gas within the fragment heats up (Fig. 12) , thus increasing the local sound speed. Therefore vΦ/cs drops. Otherwise the disk seems to be overall rotationally supported.
Finally, in Fig. 16 , we show the vertical density profiles at three different radii (R13, R16, and R half ) at t final = 130.4kyr = t0 + 26kyr. We find the vertical disk structure to be comparable for low and high core angular momenta. However, in Run 7 the half mass radius R half = 317AU is much larger than R13 = 79AU, which is about 20AU smaller than in Run 1. Therefore ρ(z, R13) is the only profile, which exceeds the critical density of ρ0 = 10 −13 g cm −3 . Nevertheless, for both profiles (at R13 and at R half ) we obtain the best fitting vertical profile by superposing two sech 2 -functions. Again, for R16 = 952AU, only one sech 2 -function is required to fit ρ(z). In summary the parameters are: . Disk rotation curve of Run 7. The disk is slowly evolving towards centrifugal equilibrium (grey line). The shallow profile within the disk region is perturbed due to fragmentation at t = t0 + 20kyr. Close to the fragment (200AU) some gas undergoes a fast transition from highly sub-to superkeplerian rotation driving gas inward/outward, respectively (see Fig.14) . Again, at smaller radii (here at R13) the ratio of disk pressure scale height to disk radius H1/R ≈ 1/4. However at larger radii (R16 and R half ) H1/R is a bit smaller.
THE INTERPLAY OF ROTATION AND GAS THERMODYNAMICS: COMPARISON OF RUN 1 AND RUN 7
In this section we discuss the influence of rotation and the thermal behaviour of the gas on the disk structure and state of fragmentation as well as on the mass of the forming star. Here all particles with a density higher than ρ⋆ = 10 −11 g cm −3 will be considered to contribute to the forming central star. As mentioned previously, we do not use sink particles but resolve the system down to a minimum smoothing length (see section 3). We distinguish between the protostar, which we define to consist of the densest SPH particles, and which we find to be always located at the center, and possibly existing fragments. Fragments are considered to be individual objects if they have a radial distance of more than 20AU to the central star. We do not define the disk geometrically, but found it more useful and more physically motivated to look at various density components in order to disentangle the detailed, stratified disk structure. In summary we distinguish:
⋆ Star or fragment: ρ > ρ⋆ = 10 −11 g cm −3
⋆ The dense, adiabatic disk component: ρ⋆ > ρ > ρ13 = 10 −13 g cm −3
⋆ Lower disk density components able to cool: ρ⋆ > ρ > ρ14 = 10 −14 g cm −3 to ρ⋆ > ρ > ρ16 = 10 −16 g cm
To discuss the way the central object and protostellar disk accumulate their mass. We differentiate between: 1) The gas infall rateṀ infall , which describes the amount of infalling matter from the surrounding molecular cloud core that has not been part of a certain density component within disk in the last timestep.Ṁ infall is seperately determined for each disk density component.
2) The gas accretion rate, as matter which has been moved through the disk, but has already been part of the disk in the previous time step. The mass accretion rate onto the central objectṀ⋆ is defined as the amount of mass, the object has accumulated per unit time, divided by the time. In this case we do not explicitly distinguish between accreted gas and material which has directly fallen onto the central object.
Mass infall and accretion
As discussed in section 4 we stopped all simulations when the central object assembled a mass of 0.5M⊙. Also accounting for the disk, the total mass of the formed system varies between 1.2 and 2.2M⊙. By means of Fig.17 and Fig.  18 we illustrate how the formation of a dense central object differs from Run 1 to Run 7:
Run 1: The BES quickly collapses to seed a dense center with a mass of 0.1M⊙ at t0 = 94kyr (see Fig. 17 ). From this point on, the mass of the central object is growing at an average rate ofṀ⋆ ≈ 2 · 10 −5 M⊙/yr. In more detail we show the ratio of mass accretion rate onto the center vs. the infall rate of gas onto the disk in Fig.18 . As motivated previously, we use various threshold densities to define the disk. Throughout the evolutionṀ⋆/Ṁ infall < 1 and thus the protostellar disk is constantly growing in mass. After t0 direct gas infall onto the central object is decreasing while at the same time more and more material is falling onto the forming protostellar disk. ThereforeṀ⋆ is slightly decreasing andṀ infall is overall increasing during the evolution and the ratio ofṀ⋆/Ṁ infall drops slowly. The differences seen in the different density components can be attributed to the different gas infall rates onto the disk. As most of the freshly accumulated disk mass is driven into the adiabatic component the decrease inṀ⋆/Ṁ infall is strongest for ρ > rho13 (black solid line). The additional periodic behaviour seen in this component is the result of a vertical pulsation of the disk. Due to selfgravity the disk is vertically compressed, promoting the formation of high density gas close to the midplane. As high density gas cannot cool efficiently the vertical pressure is increased and the disk re-expands, causing the apparent infall rateṀ infall to drop and thereforė M⋆/Ṁ infall to rise. For the lower density componentsṀ infall is not as strongly affected by this process. For ρ > rho16, M⋆/Ṁ infall is on average constant and equal to 0.3. Even though direct gas infall onto the central object ceases the mass accretion rateṀ⋆ is maintained by accretion through weak spiral arms (see section 5.3 and Fig. 24) . The density perturbations associated with the spiral arm structure are of the order of 10%. Spiral arms enable the redistribution of angular momentum and thus gas accretion through gravitational torques. For this reasonṀ⋆/Ṁ infall becomes roughly constant after 104kyr. Again, the relative values ofṀ⋆/Ṁ infall are successively lower the lower the density threshold as dotM infall is higher.
Run 7: In this case the dense central object slowly but constantly develops through disk accretion. At t0 = 116kyr a seed protostar with a mass of 0.07M⊙ has accumulated. However, at this time a protostellar disk is already present. It was first formed at t0 − 12kyr, thus leading to a protostellar disk dominated phase between t0 − 12kyr and t0. Due to the high initial core rotation the direct gravitational collapse phase during which a central object is built up is missing. There is continuous accretion onto the protostar. Between t0 − 12kyr and t0 the average mass accretion rate onto the center is 6 · 10 −6 M⊙/yr, whereas the average infall rate onto the disk is 5·10
−5 M⊙/yr, similar to the rates found in Run 1 right after t0(1). After t0 the protostellar mass is growing almost exponentially (see Fig. 17 ). At t = 131kyr a dense fragment is formed, which grows in mass and finally merges with the central star at t = 142kyr. Therefore the stellar mass is rapidly increased (by 0.1M⊙). This leads to a very high apparent mass accretion rate and causesṀ⋆/Ṁ infall ≈ 1.4. In Fig. 17 -Fig. 20 the transition to fragmentation at 131 kyr is marked with a dashed vertical line. Regarding Fig.18 ,Ṁ⋆/Ṁ infall seems to be large at a threshold of ρ13 before 110 kyr, because the mass infall rate for this component is small -only very little mass is accumulating at ρ > ρ13 (see Fig.19 ). After 114 kyr spiral arms grow within the protostellar disk locally generating regions of high density. As a resultṀ infall of the high density component increases andṀ⋆/Ṁ infall drops. After 114kyr, the mass accretion rate is 1.15 · 10 −5 M⊙/yr and the average gas infall rate is 10 −4 M⊙/yr), thus leading to a roughly constant ratio ofṀ⋆/Ṁ infall ≈ 0.1. Despite the strong spiral arms in this case the disk is again continuously growing in mass. At t = 131kyr the disk is massive enough to become gravitationally unstable and fragment (see Fig.17 ). Disk fragmentation happens on a very short timescale and scoops up gas, which has already been sitting at high densities more quickly than it can be replaced. The dense disk component subsequently reforms after being depleted.
Both simulations do not intrinsically enter a 'self-regulated' stage, where the ratio of mass infall and accretion is balanced as spiral arms seem to be unable to transport enough mass towards the central protostar. Instead, gravitational instabilities grow and locally cause fragmentation in case of high angular momentum. We will further discuss the disks' fragmentation properties as a function of angular momentum in section 5.3. As the ratio ofṀ⋆/Ṁ infall < 1 the disk mass is constantly growing. In Fig. 19 the disk mass evolution is shown in greater detail, again on the basis of several disk threshold densities. From Fig. 19 we conclude that we cannot deduce a single physically motivated disk Figure 17 . Time evolution of the stellar masses in Run 1 and Run 7. In Run 1 a seed star of 0.1M ⊙ is formed via direct gravitational collapse (solid line), whereas the stellar mass is accreted through a protostellar disk in Run 7 (dashed line). Run 7 also forms fragments after 131kyr (dash-dotted line), which eventually merge with the central object. The time at which the first fragment is formed is marked with the red vertical line. mass which is unequivocally defined for all simulations. At tstop the mass in the adiabatic disk component of Run 1 ( 0.6M⊙) is a factor of 1.7 smaller than within components of lower density ( 1M⊙). However for Run 7 the situation is even more extreme. In this case, the mass of the adiabatic component stays below 0.3M⊙ throughout the simulation. On the other hand 1.7M⊙ reside within ρ > ρ16 at the time where fragmentation is just about to set in (dashed vertical line). Hence the disks in Run 1 and Run 7 have fundamentally distinct internal structures -apart from having different sizes. We will further quantify this finding in the next subsection. The effect of spiral arms forming in the disk is clearly visible in Fig. 19 . After 114kyr the rapid initial growth of the disk, escpecially of the disk components of lower density, is reduced due to gas compression to form spiral arms and gas accretion through them. At the same time the high density components (ρ > ρ13 and ρ > ρ14) are quickly growing. After 131kyr the disk mass evolution is strongly affected by fragmentation. Part of the disk mass is used to form the fragments. As the fragments' density exceed ρ⋆ this mass is not considered to belong to the disk anymore causing the disk mass to decrease. The decrease is most prominent within the high density components from which the fragments are actually formed. However, they regrow quickly as more gas is falling onto the disk from the parental envelope. Figure 20 completes the picture of the two different types of disk. It shows the mean disk temperature as a function of time, again considering different density thresholds. As there are no strong variations in disk structure in Run 1, the mean temperature is smoothly growing with time. The variations in the high density component are caused by the pulsation of the disk seen in Fig. 18 . During protostellar disk evolution the average disk temperature is 400K. In Run 7 the mean temperature stays below 150K for ρ > 10 −15 g cm −3 and even below 80K before t = 131kyr. Figure 18 . Ratio of accretion rate onto the central protostarṀ⋆ to infall rate onto the protostellar disk for different density componentsṀ infall and as a function of time. Different line colours denote different disk definitions, utilizing various threshold densities, e.g. for ρ > ρ 14 all the mass within ρ⋆ > ρ > ρ 14 is considered to belong to the disk. For each simulationṀ⋆ is only a function of time, whereas the gas infall rate is a function of disk threshold density and time. Again, the dashed vertical line denotes the time when fragmentation sets in at 131kyr. The disk becomes hot only at the very center (R<10AU) and within the fragments but stays cool otherwise. The first step-like growth in mean temperature at t = 114kyr coincidences with the formation of spiral arms and the growth of an adiabatic disk component (see Fig.19 ). The second and more extreme temperature increase (predominantly found within the high density components) after 131kyr is again caused by fragmentation and therefore the feature vanishes after the most massive fragment (formed at R = 200AU) has merged with the central star at 1.42 · 10 5 yr. On average we find the small disk in Run 1 to be about four times hotter than the extended disk in Run 7. This will have an impact on the disk chemistry, which is very sensitive to this temperature regime. A disk as hot as in Run 1 will e.g. contain crystalline dust and ice vapour, whereas the large disk in Run 7 will not show crystalline silicate . Stellar mass as a function of time for all simulations of the sample. For low angular momenta the protostellar object is fed by direct gas infall and therefore grows much faster than in case of high angular momentum, where all of the protostellar mass is accreted through the disk.
Disk structure as a function of core angular momentum
In this section, we discuss the stellar mass evolution and disk structures for all runs in our sample (see Table 2 .3). First, we compare the evolution of the disk masses for four different density thresholds in Fig.21 . For lower threshold Like t0, the time at which the disk is formed is systematically increasing with increasing core angular momentum. However, the disk formation time increases slower than t0 and thus we find the 'star first' in case of low core angular momentum and the 'disk first' in case of high core angular momentum. All final disk masses (at tstop) are comparable ( 1.4 − 1.6M⊙) at low threshold densities (c & d), except for Run 0. In case of Run 0 the initial core angular momentum is too low to form a well-defined disk within runtime. Therefore the total disk mass does not exceed 0.2M⊙ in this case. At high densities (panel a & b), disk growth is only smooth for Run 1-4. These disks are warm, stable against fragmentation and their mass is dominated by the adiabatic disk component. However, for Run 5 -7 the disk mass at high densities varies quite significantly. The strong local minima and variations are found to be caused by fragmentation. Fragments grow from the densest component thereby depleting it. Due to the proceeding global collapse it is reformed and new fragments may form in the disk. On the other hand most of the disk mass in Run 5 -7 is found at lower densities, forming a massive, low density 'disk envelope', which surrounds a low-mass, dense disk component, which is typically found to form a spiral arm structure. Therefore, for Run 5 -7, the variations seen in a) and b) are insignificant with respect the total disk mass (c & d). Even though the same amount of mass has collapsed to densities greater than ρ16 at t final , the mass of the central object is systematically decreasing with increasing core angular momentum (see Fig. 22 ). We find M⋆ = 0.53M⊙ for Run 1 with Ω0 = 6 · 10 −14 s −1 and M⋆ = 0.16M⊙ for Run 7 with Ω0 = 2 · 10 −13 s −1 . The same trend is present for the gas mass located at ρ⋆ > ρ > ρ13. Here we find M13 = 0.75M⊙ for Run 1, but only M13 = 0.19M⊙ for Run 7, which is smaller by almost a factor of four. Accordingly, M16 is larger in Run 7, as M16 and M⋆ add up to give 28% of the total core mass: M16 = 1.54M⊙ for Run 7, but M16 = 1.17M⊙ for Run 1. In fact about 90% of the total disk mass resides at ρ > ρ14 in Run 1, but only 40% in Run 7.
We find the overall disk structure to be well quantified by calculating the disk concentration c disk , which we define as
and which is depicted in Fig. 23 . The concentration gives the fraction of disk mass which has been compressed to high densities (ρ > ρ13) and thus builds up the warm, almost adiabatic disk component, relative to the total disk mass at densities ρ > ρ16. It should be noted that the c disk stays approximately constant with time after an initial disk formation phase. Therefore the average concentration is a robust measure of disk structure. On average c disk is decreasing with increasing core angular momentum. More precisely in Run 0 -3, 0.75 c 0.4, which means that between 75% and 40% of the disk mass is in the warm, adiabatic component. The disk in Run 4 has an intermediate concentration of 0.25 -0.3, but does not show significant variations as it does not undergo fragmentation. In all other runs, the average concentration is of order 0.1 (or 10% respecitvely) with relatively strong variations due to fragmentation. For instance in Run 7 fragmentation sets in at 131kyr. From this time on c disk is decreasing until the fragment merges with the central object at 142kyr. Compared to Run 7, fragmentation starts earlier in Run 5 and especially in Run 6. In Run 5 and 6 the disk is a little more concentrated than in 7, but at the same time cooler than in Run 1 -4. The surface density is moderately high, but low enough to allow for short cooling timescales. Therefore fragmentation sets in quickly and there is no phase of pure spiral arm growth. In summary, we find a critical amount of specific angular momentum above which disks are fragmenting and below which they remain stable. This critical core angular momentum is j > 2 · 10 21 cm 2 s −1 corresponding to a rotational frequency Ω0 > 10 −13 s −1 or β > 0.1, respectively.
Disk Fragmentation
Disk fragmentation is important for the formation of binary and multiple stellar systems, brown dwarf companions (Whitworth & Goodwin 2005) or even for the formation of gas giant planets (Kuiper 1951; Boss 1998; Mayer et al. 2004 ). Therefore we focus on the fragmentation properties of our sample in this subsection. In general we find that the warm & compact disks, which are formed from cores with low total angular momenta, are stable against fragmentation, whereas extended disks formed within high angular momentum cores fragment easily. In order to quantitatively explore the gravitational stability of the forming protostellar disks we utilise the Toomre criterion (Toomre 1964) :
Here cs is the local sound speed within the disk, κ is the epicyclic frequency, G the gravitational constant and Σ denotes the surface density. Differentially rotating accretion disks are expected to be gravitationally unstable towards non-axissymmetric perturbations for 3 > Q > 1. In this case the formation of large spiral arms is promoted. For Q 1 (Liverts et al. 2000 , and references therein) the disk will be unstable towards axissymmetric perturbations and disk fragmenation can occur locally. In Fig. 24 we show Figure 24 . Toomre Q parameter (left panels) and ratio of cooling time scale over dynamical time scale τ cool Ω disk (right panels) as calculated for the face-on projections of Run 1 (upper plot) at t 0 + 18.3kyr and Run 7 (lower plot) at t 0 + 21.5kyr. The warm and concentrated disk in Run 1 shows a non-axissymmetric structure. The Toomre Q is greater than 1 everywhere, but drops below 3 within the disk. In Run 7 the large spiral arm, which is also clearly visible in the surface density distribution (see Fig.10 ), is dense enough to be gravitationally unstable and undergoes fragmentation in the region where Q < 1.
the Toomre Q parameter for the face-on projection of the two protostellar disks formed in Run 1 and 7, respectively. In Run 1, which is stable against fragmentation (Q > 1 everywhere), the Q-isocontours reveal a spiral arm structure within the inner disk region (1 < Q < 3), which is not clearly visible in the surface density distribution. More detailed analysis shows, that the density perturbation associated with the spiral arm is of the order of 10%. Angular momentum is transported through these spiral arms due to gravitational torques although the disk in Run 1 is stable to local disk fragmentation. In Run 7, Q < 3 throughout the pronounced spiral arm structure. However, Run 7 which is unstable to fragmentation, shows two regions where Q drops below 1 (green). Within this part two outer fragments are forming (see Fig. 10 ).
The detailed evolution of a gravitationally unstable region also depends on the cooling timescale. It has been suggested (Goldreich & Lynden-Bell 1965 ) that a feedback loop may exist through which Q is maintained at a value of ≈1. Gammie (2001) has shown (using a local isolated disk model) that a quasi-stable state can only be maintained if the cooling time τ cool is longer than the local dynamical timescale τ dyn = Ω −1 disk by at least a factor of 3. For shorter cooling times, the disk fragments. This finding is consistent with Pickett et al. (1998 Pickett et al. ( , 2000 , who noted that 'almost isothermal' conditions are necessary for fragmentation. It has been suggested, however, that self-gravitating discs strictly require a global treatment (Balbus & Papaloizou 1999) , and while global effects are highly unlikely to stabilize a locally unstable disk, they could well allow fragmentation within disks that would locally be stable. Rice et al. (2003) mostly confirmed the result of Gammie (2001) in 3D SPH simulations of isolated disks. However, they found that more massive disks could still be fragmenting for even longer cooling times (≈ 5Ω disk ). In their setup the disk undergoes a viscous evolution, allowing for heat production by gravitational instabilities as well as turbulence. Heating by shocks and PdV work of infalling gas was not considered. During the formation phase of a protostellar disk, the parental molecular cloud core, which envelops the disk, is still massive. Mass is falling onto the disk at a total rate of ≈ 10 −5 M⊙/yr. According to the virial theorem, half of a gas element's energy is transformed into heat while moving inwards. In this stage of disk formation one has to consider efficient additional heating through the release of gravitational energy as well as by shocks, which occur once the rapidly infalling gas is decelerated at the disk surface and outer edge. Here we find that fragmentation is suppressed in a young protostellar disk, which would likely be fragment-ing in isolation. In Fig.24 (right plots) we show the stability criterion τ cool Ω disk (Gammie 2001 ) and overplot the corresponding Toomre Q isocontours of the disks. We calculated the theoretical cooling time according to
where E therm = 3 2 k b T is the current thermal energy of an SPH particle. In order to calculate the cooling rate Λ for every SPH particle according to its current density and temperature, we again utilise the implemented cooling prescription (following the table of Neufeld et al. 1995) . If left in isolation the disk would therefore cool at a rate Λ. Even though the disk in Run 1 is not fragmenting, we find τ cool Ω disk < 3 within all of the inner disk region in this case. We may therefore conclude that the disk is predominantly heated by the infalling parental envelope and accretion. This means that concentrated protostellar disks are initially stabilized against fragmentation via heating by infall and accretion. Massive protostellar disks, which would be unstable when evolved in isolation, may therefore still be stable in collapsing envelopes. On the other hand the structure of the cooling stability criterion partly correlates with the Toomre Q-isocontours found in Run 7. In this case τ cool Ω disk is below 3 within large parts of the disk and even drops below 1 within the fragmenting part. Heating by infalling material is less efficient in Run 7 because the disk is large and gas infall is hence distributed over a large surface area. The disk behaves more like an 'isolated disk', which leads to a better applicability of the cooling criterion. In general we find the Toomre criterion to be more reliable in determining the gravitational stability of a non-isolated, self-gravitating disk. However, we determine τ cool Ω disk ≈ 1 within the fragmenting part of the disk, which is in agreement with previous findings.
Whether or not concentrated disks will undergo fragmentation at some later evolutionary stage requires further investigation. One might argue that the infall phase (∼ 10 5 years) is rather short compared to the typical disk lifetime (few x 10 6 years) and that subsequent disk fragmentation is eventually happening after the parental envelope has mostly vanished. A comparison of prestellar core and stellar initial mass function points towards the fact that the star formation efficiency of a core is about 30% (Alves et al. 2007 ). This means that 2/3 of the initial core mass is not involved in the star formation process. So far it is not clear, which physical process is responsible for shutting down gas infall onto the disk and when exactly this is happening. Most likely gas infall is stopped by efficient feedback (irradiation, winds, jets and outflows) from the central star. On the other hand, once the parental envelope has been destroyed, the protostar and the disk become observable. The disks, which are then called protoplanetary disks, typically have rather small masses (about 0.1M⊙ within a 100AU disk). This means that most of the original protostellar disk mass is probably accreted before a disk enters the protoplanetary phase. Binary star formation within a protoplanetary disks is thus unlikely, however, the formation of brown dwarf companions or gas giant planets is still possible.
Summary: Disk formation as a function of core angular momentum
In this section we discuss global paramters as a function of initial core angular momentum. In Figure 25 we show the surface density profiles of all runs at t final on the same scale (2000AU across). From top to bottom the initial core rotation rate is increasing. Cores in slow initial rotation (Ω0 10 −13 s −1 ; Run 0-4) do not form fragmenting protostellar disks, whereas disk fragmentation is happening frequently for higher angular momenta (Run 5-7).
More quantitatively, we compare the most important characteristic disk quantities as a function of core angular momentum. The data plotted in Fig. 26 correspond to the values listed in Table 2 . We list the mass of the central object M⋆, as well as the disk mass M disk and the disk radius R disk for two threshold densities for all simulations. We use ρ > ρ13 and ρ > ρ16, respectively. These are the highest and the lowest of the previously used density thresholds. As most values are changing with time we decided to compare the results t final , the time at which 28% of the total core mass (or ≈ 1.8M⊙) has collapsed to densities ρ > ρ16. We listed t final in Table 1 . For Run 0 we make an exception to this rule. In this case the angular momentum is so low that the collapse proceeds rather unhindered and no disk is formed within runtime. Due to numerical limitations the evolution of Run 0 could only be followed until 15% of the total core mass has collapsed. The small amount of j results in a flattening of the central object which contains most of the collapsed mass within R < 15AU . The definition of a disk scale height makes no sense in this case and is skipped. The disk radii, e.g. R13, are defined to be the radius at which the disk density taken from the radial density profile ρ(R) at t final drops below a certain density threshold, e.g. ρ13. Knowing disk mass and radius, the mean disk surface densityΣ is defined as:
We directly obtain the disk height H disk from fitting the vertical density profile at the corresponding radii for each simulation (see Fig.8 ).
Concerning the disk structure, slow rotation results in relatively small (∼100AU), highly concentrated disks, which have accumulated most of their mass at densities ρ > ρ14. Since gas at these high densities cannot cool efficiently anymore, low angular momentum disks are significantly hotter than their high angular momentum counterparts (see Fig.20 ). We find the average surface density in the adiabatic component to beΣ13 ≈ 232 g/cm 2 for Run 1. Disks formed from high angular momentum cores are large (up to 1000AU in radius) and form extended spiral arms, which harbor dense gas within them. Thus, the disk radii R half and R16 are systematically increasing with core angular momentum. As a result, the disk surface density is decreasing with increasing core angular momentum:Σ16 ≈ 53 g/cm 2 for Run 1, whereasΣ16 ≈5 g/cm 2 for Run 7. For the adiabatic disk componentΣ13 ≈ 84 g/cm 2 , even though the radius of this component R13 is rather independent of core angular momentum. R13 is even slightly decreasing with increasing angular momentum as the azimuthally averaged position of R13 is strongly influenced by spiral arm structure. We individually fitted the disk scale height H16 for all simulations according to Eq. 12. More precisely we only give H1, the scaling parameter of the second sech 2 -function in Table  2 . H0 is always between 5 and 9AU and is therefore less interesting. We will refer to H1(R13) as H13 and to H1(R16) as H16. H16 is increasing with increasing core angular momentum, e.g. we find H16 ≈ 65AU for Run 1 and H16 ≈ 190AU for Run 7. The thickness of the adiabatic component H13 is roughly constant and ∼ 23AU. Fig. 26 also shows the ratio of H disk /R disk . For all non-fragmenting disks (Run 0-4) we find the same H/R ≈ 0.25 in all density regimes. For all fragmenting runs (Run 5-7) the components behave differently. For instance Run 6 appears to be very thick (H/R ≈ 0.5) at ρ > 10 −13 g cm −3 and within the half mass component, but very flat (H/R ≈ 0.1) in the total disk component. In summary, the disks appear to have a flaring geometrical shape, like typical observed protoplanetary disks. However, in this case, the flaring is not caused by stellar irradiation, but rather by the way matter the core is collapsing. The stellar mass as well as the mass accumulated in the high density component M13 is decreasing with increasing core rotation, while at the same time the total disk mass M16 is increasing. For high angular momenta the dense disk component settles in a small circular accretion disk around the center, around a forming fragment or it can be found center within spiral arms. Most of the disk is however low density material enveloping the dense component. On the other hand, disks formed from slowly spinning cores are highly concentrated and most of the disk mass is located at high densities. There is no extended disk envelope present and therefore M13 is high. The gas infall rate onto the disk is roughly constant in time and rather independent of initial core angular momentum:Ṁ infall ≈ 7 × 10 −5 − 10 −4 M⊙/yr for ρ > 10 −16 g cm 3 . Infall is dominated by the global gravitational potential. The mass accretion rate onto the central object is between 1 − 5 × 10 −5 M⊙/yr. In case of low angular momentum, the mass accretion rate is on average twice as high as in case of high angular momentum, even though spiral mode perturbations have a strenght of only 10% in this case. In general, gravitational torques seem to transport angular momentum more efficiently in disks formed from slowly rotating parental cores within which the disk surface density is higher.
ANALYTICAL APPROACH
In Fig. 8 we showed, that the thick disk is in approximate vertical hydrostatic equilibrium. The local gas pressure is given by the adopted equation of state, whereas the disk properties (mass & radius) are set by the initial core conditions and the collapse time scale. We found that cores in slow rotation form small, compact disks, which accumulate most of their mass at high densities. Therefore we expect these disks to have a higher mean disk densityρ than the extended disks formed from rapidly rotating cores.ρ could thus be considered as a critical indicator for the concentration and gravitational stability of a protostellar disk. We defineρ as
The disk pressure scale height and the disk outer radius have a roughly constant ratio of
Therefore we can rewrite eq. 17
If we assume that the angular momentum of each gas element is conserved during protostellar core collapse we can connect the disk radius to the properties within the parental cloud core. In case of rigid core rotation, the dimensions of the disk are given by the centrifugal radius Rc:
where the centrifugal radius is defined as the equilibrium disk radius, at which gravitational and centrifugal forces are balanced in a central potential. Mcore is the total core Figure 25 . Disk formation as a function of core angular momentum. We show the surface density of the disks at t final for all eight runs on the same scale. From top (Run 0) to bottom (Run 7) the core rotation Ω 0 and thus the total initial core angular momentum is increasing. .ρ as a function of core rotation as calculated from our runs. We derived thatρ ∝ β −3 . The red dashed line at ρ crit,2 = 4 · 10 −15 g cm −3 indicates the critical density, below which fragmentation is found in our calculations. Assuming a different cooling prescription, in which the gas behaves isothermally up to ρ crit,0 = 10 −13 g cm −3 , fragmentation might be possible up to this limit (red dotted line). We will use both critical densities for comparison with observations. mass, and Rcore the initial radius of the molecular cloud core. Moreover, we find in our simulations that the actual outer disk radius, which we define to be equal to the radial extent of the low density component R16, is always about a third of Rc:
as expected when measuring R16 at t final where 28% of the total core mass has collapsed into disk and protostar. Thus, the angular momentum of the gas seems to be well conserved during the collapse and infall stage. Combining Eq. 19, Eq. 20 and Eq. 21 leads tō
For the same critical core mass and core radius, we expect the mass infall rate onto the disk to be roughly constant (e.g. solution by Shu (1977) and results from our numerical simulations). Accordingly, M disk = M16 is only a function of time and rather independent of β or initial core rotation (compare to Fig.19) . We calculatedρ at t final for all our simulations (see Fig. 27 ). For the disk mass we used M16 from Table 2 . In our sample of equally large and massive cores, β is a direct measure of rotational energy or angular momentum. According to Eq.22 the mean disk density is rapidly decreasing with core angular momentum. We probed, at whichρ the transition from nonfragmenting to fragmenting disks is occuring, and find that disks with a mean density ofρ ρcrit,2 = 4 · 10 −15 g cm
are gravitationally stable and do not undergo fragmentation at any time during their evolution (see Fig. 27 ). On the other hand, we see efficient disk fragmentation in Runs 5-7, which all haveρ < ρcrit,2. At first sight our findings may seem counterintuitive. It would be intuitive to assume that more compact disks with highρ are more likely to fragment than less compact ones, because the Toomre Q parameter is inversely proportional to the disk surface densityΣ. These considerations however neglect the thermal behaviour of the disk gas, which is heated due to infall and accretion. Therefore we found smaller disks to be on average hotter then extended ones.
In our prescription of the gas thermodynamics, there are two critical densities: ρcrit,1 = 3 · 10 −16 g cm −3 , and ρcrit,0 = 10 −13 g cm −3 . As mentioned in section 3.1, cooling by molecular lines slowly becomes inefficient at densities higher than ρcrit,1. In other numerical simulations which include a barotropic EOS (e.g. Bate 1998; Goodwin et al. 2004 ) the gas is assumed to undergo a sudden transition between isothermal and adiabtic behaviour at ρcrit,0. For Run 1 -4 (or Ω0 between 6 · 10 −14 s −1 and 1.2 · 10 −13 s −1 ) the disks' fragmentation properties might therefore be different in simulations with a barotropic EOS. In order to account for possible variations in the cooling prescription, we will discuss both critical densities, ρcrit,0 and ρcrit,2 in the framework of recent core observations. We use two samples of observed prestellar cores, one by Goodman et al. (1993) and Barranco & Goodman (1998) , and one by Caselli et al. (2002) . Both studies list core radii and estimate the ratio of rotational to gravitational energy β from fitting velocity gradient maps. In Fig. 28 we show the expected mean disk densityρ from these values as derived with Eq.22. As the core masses change throughout the observed sample we assume the disk mass to be a function of the core mass. For every core the disk mass is varied between 1% and 30% of the core mass. A maximum disk mass of 0.3Mcore is motivated by the typical star formation efficiency of prestellar cores of ≈30% (e.g. Motte et al. 1998; Alves et al. 2007 ). In Fig. 28 the theoretically expected dependence ofρ on core radius is depicted by the solid lines (for M disk = 0.01Mcore) and the dot-dashed lines (for M disk = 0.3Mcore) for three different values of β. For these theoretical curves, we assume Mcore ∝ R and thusρ ∝ (β 3 R 2 core ) −1 in the upper panel or Mcore ∝ R 2 and thereforeρ ∝ (β 3 Rcore) −1 in the lower panel of Fig.  28 . We use our initial conditions (6M⊙ and 0.083pc) to normalise the powerlaws. Mcore ∝ R 3 corresponds to a sphere of constant densityρ ∝ β −3 . In general, Mcore ∝ R p . The higher p < 3, the smaller the dependence ofρ on core radius. For cores of constant density (p = 3), we infer the fragmentation properties of the resulting disk to be completely independent of core size. For 1 < p < 3 smaller, less massive cores form more concentrated disks, as compared to larger and more massive cores with equal β. The more concentrated a disk, the less likely it will form fragments during its early evolution. Observations indicate a powerlaw index of roughly 1 < p < 2.3 (Lada 1987; Myers 1983; Hubber & Whitworth 2005) . As β is observed to be roughly independent of core size (Goodman et al. 1993; Barranco & Goodman 1998) , this ansatz is able to explain the observational trend that stellar multiplicity seems to be higher for more massive stars (e.g. Lada 2006 ). Fig.28 shows that for the sample of Goodman et al. (1993) and Barranco & Goodman (1998) between 50% (for M disk = 0.3Mcore) and 75% (for M disk = 0.05Mcore) of all cores are predicted to undergo subsequent fragmentation.
In Caselli et al. (2002) . 5% -20% of all cores are expected to fragment. On average 25% -45% of all cores should thus form protostellar disks, which will fragment within the first 10 5 yrs of their evolution. For an isothermal collapse of the gas up to ρcrit,0 we infer that 75% -81% of all cores in Goodman et al. (1993) and 30%-45% of all cores in Caselli et al. (2002) would form gravitationally unstable disks. This results in an average of 58%.
According to a high resolution near-infrared imaging survey of Duchêne et al. (2007) , who observed low-mass embedded Class I sources located in Taurus-Aurigae, Ophiuchus, Serpens and L1641 in Orion, the observed multiplicity rates within the separation range of 45-1400AU are 32±6% and 47±8% within 14-1400AU, respectively. These multiplicity rates are in agreement with our predicted results including cooling by thin molecular lines, and somewhat smaller than the rates predicted for ρcrit,0 = 10 −13 g cm −3 .
Assuming that cores are Bonnor-Ebert spheres in rigid rotation, the observed multiplicity rates of young stellar objects can be explained by the disk fragmentation mechanism. Furthermore, we conclude that large and massive cores fragment more easily than small, less massive ones. Despite the good agreement with observations, the results have to be further tested, e.g. for different core masses Moreover, low levels of turbulence within prestellar cores may alter their fragmentation properties (Goodwin et al. 2004) . Therefore the effects of initially sub-or transonic turbulence will be discussed in a subsequent paper (Walch et al., in prep .) It should be noted that the physics of gas cooling within the density regime of 10 −16 and 10 −13 g cm −3 is extremely important for disk fragmentation. In order to ascertain the critical disk density for fragmentation our findings deserve further study investigation with more realistic dust cooling and radiation transport.
CONCLUSIONS
We studied the collapse of prestellar cores and the formation and early evolution of protostellar disks in fully 3D SPH simulations performed with VINE Nelson et al. 2008) . The prestellar cores were described as slightly supercritical Bonnor-Ebert spheres in rigid rotation. Each sphere has a mass of 6M⊙ and an outer radius of 0.083pc. In this paper we only varied the initial rotational frequency Ω0, and therefore the total angular momentum of the cores. The gas thermodynamics was treated with an adiabatic equation of state and additional line cooling by the most abundant molecules (see Neufeld et al. 1995) . The structure of the forming, rotationally supported protostellar disk fundamentally changes with initial core angular momentum. Slowly rotating cores (Ω0 < 10 −13 s −1 ) first collapse to form a central protostellar object. Afterwards a protostellar disk is accumulated which is small or moderately sized (R ≈ 50 − 400AU), warm (T > 100K), and very concentrated (c disk > 0.4). In general we define a disk to be concentrated if most of its mass has densities ρ > ρcrit,0 = 10 −13 g cm −3 . Since gas, which is denser than ρcrit,0 behaves adiabatically and cannot cool efficiently, concentrated disks heat up. In this case the midplane tem- Figure 28 . Mean disk densities calculated for the observed core samples of Goodman et al. (1993) and Barranco & Goodman (1998) (black symbols) as well as Caselli et al. (2002) (blue symbols). We also showρ for three constant values of β (β = 10 −3 , 10 −2 , 10 −1 ). For every β the disk mass is assumed to be between 0.01Mcore (solid lines) and 0.3Mcore (dash-dotted lines). Furthermore we assumed (a) Mcore ∝ R and (b) Mcore ∝ R 2 , respectively, and used our setup to calibrate the mass-radius relation. The dotted vertical line then indicates a core mass of 1M ⊙ . It should be noted that the initial core mass function is observed to peak at 3M ⊙ (e.g. Motte et al. 1998) . The masses of all observed cores were taken from Caselli et al. (2002) . The red dotted lines show the fragmentation limits ρ crit,0 and ρ crit,2 , where ρ crit,2 = 4 · 10 −15 g cm −3 was determined from our simulations.
perature exceeds 800K within the inner 15-20AU in radius. In addition, the disks are vertically thick. The typical ratio of disk scale height to disk radius is almost constant at H/R ≈ 1/4. Due to the high temperature as well as high azimuthal velocities within the disk, fragmentation is suppressed. However, the disks are strongly self-gravitating and massive at this evolutionary stage (
− 16). Weak spiral arms are developing through which angular momentum is transported and mass is accreted onto the center. In our simulations the typical mass accretion rate onto the central star is of the order ofṀ⋆ ∼ 10 −5 M⊙/yr. This accretion rate is a factor of ten smaller than the gas infall rate onto the disk, which means that the disk is still growing in mass and -in case of rigid rotation -also in size. Due to the regular gas infall the disks also have a 'flaring' structure, which is usually only expected for irradiated and passive protoplanetary disks. On the other hand cores with a high initial angular momentum immediately collapse into a protostellar disk. In the most extreme case all of the protostellar mass is acquired through disk accretion rather than direct gas infall. With increasing core angular momentum, the disk half mass radius as well as the outer disk radius of the low density component are systematically increasing, whereas the disk concentration c disk is decreasing. Disks formed from rapidly rotating cores (Ω0 > 10 −13 s −1 ) are large (R ≈ 500 − 1000AU), cold (T < 100K) and have low concentration (c disk ∼ 0.1). Although the total disk mass is comparable for all simulations, the high angular momentum disks have a very different appearance. They show strong spiral arms within which only a small fraction of the core gas is locally compressed to ρ > ρcrit,0 and forms an adiabatic component. Fragmentation occurs within the spiral arms if the local Jeans mass is exceeded. The spiral arm structure is surrounded by a massive disk-like envelope of low density gas. Due to the low mean disk concentration most of the gas can still cool, which is essential for disk fragmentation. The local fragmentation properties can be well understood by applying the Toomre criterion. In all simulations we found that the disks were able to develop spiral arms (1 < Q < 3) but fragmentation (Q < 1) could only occur in large disks of low concentration formed from cores with Ω0 > 10 −13 s −1 . We find that in case of non-isolated, self-gravitating disks, the disk fragmentation properties are more accurately described by the Toomre criterion than by the cooling timescale criterion τ cool Ω disk < 3 (Gammie 2001 ), which we found to be overall consistent with the Toomre criterion but the disks where predicted to fragment more easily than they did. However, at the evolutionary stage we are looking at, the disks are strongly influenced by infall from the surrounding envelope. In isolation, stable disks (e.g. Run 1) might become gravitationally unstable as additional heating by gas infall is missing and further cooling of the disk material is possible. Therefore stable protostellar disks might be able to undergo fragmentation during a later stage when gas infall has ceased.
We also present a simple analytical prescription predicting the fragmentation properties of collapsing prestellar cores in dependence on three initial core properties: Core mass, core radius and ratio of rotational to gravitational energy β. From these three parameters the mean density of the forming protostellar diskρ is deduced. The simulations show that disk fragmentation is enabled ifρ is below a critical density ρcrit,2 = 4 · 10 −15 g cm −3 , whereas it is prohibited ifρ > ρcrit,2. In our case cores with Ω0 > 10 −13 s −1 or β > 0.1 fragment. This behaviour can be ascribed to a combination of disk structure in dependence of the initial core angular momentum and the local cooling properties of the gas. When this prediction is applied to observational samples of prestellar cores an important obervational trend can be reproduced: The frequency of multiple stellar systems is increasing with the mass of the system's constituents. With M disk ≈ 0.05Mcore − 0.3Mcore and Mcore ∝ R p with 1 < p < 2.3, we find that a low-mass core, which is typically small, is less likely forming a protostellar disk which is able to fragment, than a larger, high-mass core with the same β. If the ansatz of a global star formation efficiency (typically 30%) applies, the mass of the stars which form within a certain core is on average correlated to the total initial core mass. This means that lower-mass cores also form lowermass stars and vice versa. Therefore low-mass stars formed from low-mass cores tend to be singles rather than multiples. Furthermore we applied our findings to two observational samples of prestellar cores for which mass, size and rotational properties (β) are known. For ρcrit,2, which was extracted from our numerical simulations, the fraction of cores predicted to form multiple stellar systems is 25% -40%. This is in agreement with observations of young protostars. In a study of Duchêne et al. (2007) the multiplicity rates of embedded Class I sources is 32±6% (within the separation range of 45-1400AU) or 47±8% (within 14-1400AU), respectively. The predictions may be altered in the case of mildly turbulent cores or due to fragmentation in later evolutionary stages (in the 'late phases of hot disks') when heating by accretion and infall subsides. However, observed disks typically have low masses and therefore a late fragmentation mode might be more important for brown dwarf and gas giant planet formation, rather than for the formation of multiple stellar systems as most of the gas reservoir is probably gone. The formation of multiple stellar systems thus has to take place during early evolutionary stages of young protostars (Class 0 phase). Moreover, we found the gas cooling properties within the density regime of ρ13 = ρcrit,0 and ρ16 to be of immense importance for understanding the fragmentation of protostellar disks. For this reason a comparison of different numerical treatments of the gas thermodynamics within core collapse simulations plays a key role in advancing our understanding of star formation and fragmentation. This problem has to be addressed in further studies.
